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Neutrino Signatures From Young Neutron Stars
Luke F. Roberts and Sanjay Reddy
Abstract After a successful core collapse supernova (CCSN) explosion, a hot dense
proto-neutron star (PNS) is left as a remnant. Over a time of twenty or so seconds,
this PNS emits the majority of the neutrinos that come from the CCSN, contracts,
and loses most of its lepton number. This is the process by which all neutron stars
in our galaxy are likely born. The emitted neutrinos were detected from SN 1987A
and they will be detected in much greater numbers from any future galactic CCSN.
These detections can provide a direct window into the properties of the dense matter
encountered inside neutron stars, and they can affect nucleosynthesis in the mate-
rial ejected during the CCSN. In this chapter, we review the basic physics of PNS
cooling, including the basic equations of PNS structure and neutrino diffusion in
dense matter. We then discuss how the nuclear equation of state, neutrino opacities
in dense matter, and convection can shape the temporal behavior of the neutrino
signal. We also discuss what was learned from the late time SN 1987A neutrinos,
the prospects for detection of these neutrinos from future galactic CCSNe, and the
effects these neutrinos can have on nucleosynthesis.
1 Introduction
A nascent neutron star (NS) is often left as the remnant of a successful CCSN.
This young NS emits a copious number of neutrinos over the first few seconds of
its life. During this time it is referred to as a PNS. Due to the high densities and
temperatures encountered inside the PNS, neutrinos cannot freely escape but instead
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must diffuse out over a period of about a minute (Burrows and Lattimer, 1986). This
neutrino emission is powered by a large fraction of the gravitational binding energy
released by taking the iron core of a massive star and transforming it into a NS
(2−5×1053 ergs) (Baade and Zwicky, 1934). After about a minute, neutrinos can
escape freely, which demarcates the transition from PNS to NS. This qualitative
picture of late PNS neutrino emission was confirmed when about thirty neutrinos
were observed from supernova (SN) 1987A over a period of about fifteen seconds
(Bionta et al, 1987; Hirata et al, 1987). If a CCSN were observed in our galaxy
today, modern neutrino detectors would see thousands of events (Scholberg, 2012).
The neutrino signal is shaped by the nuclear equation of state (EoS) and neutrino
opacities. Therefore, detection of galactic CCSN neutrinos would give a detailed
window into the birth of NSs and the properties of matter at and above nuclear
density.
In addition to direct neutrino detection, there are other reasons why understand-
ing the properties of these late-time CCSN neutrinos is important. First, they can
influence nucleosynthesis in CCSNe (Woosley et al, 1990). In particular, PNS neu-
trino emission almost wholly determines what nuclei are synthesized in baryonic
material blown off the surface of PNSs (Woosley et al, 1994; Hoffman et al, 1997;
Roberts et al, 2010). Second, the integrated neutrino emission from CCSNe receives
a large contribution from PNS neutrinos. Therefore, accurate models of PNS neu-
trino emission can contribute to understanding the diffuse SN neutrino background
(Nakazato et al, 2015). Finally, the neutrino emission from the “neutrinosphere” of
PNSs gives the initial conditions for the study of both matter-induced and neutrino-
induced neutrino oscillations (Duan et al, 2006). The rate of PNS cooling also has
the potential to put limits on exotic physics and possible extensions of the standard
model using data already in hand from SN 1987A (Keil et al, 1997; Pons et al,
2001b,a).
In this chapter, we discuss PNS cooling and the late time CCSN neutrino sig-
nal. In section 2, we focus on the basic equations of PNS cooling (section 2.1) and
models of PNS cooling (sections 2.2 and 2.4). In sections 3, we discuss the various
ingredients that shape the CCSN neutrino signal, the nuclear equation of state, neu-
trino opacities, and convection, respectively. Finally–in sections 4.1, 4.2, and 4.3–
we discuss the observable consequences of late time CCSN neutrinos. Throughout
the article, we set h¯= c= 1.
2 PNS Cooling
Essentially, all of the energy that powers the neutrino emission during a CCSN
comes from the gravitational binding energy released when taking the white dwarf
like iron core of the massive progenitor star and turning it into a NS (Baade and
Zwicky, 1934), which is
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ESN ∼
3GM2pns
5rNS
≈ 3×1053 erg
(
Mpns
M
)2( rNS
12km
)−1
. (1)
The CCSN shock forms at an enclosed mass of ∼ 0.4M and the material that is
shock heated increases the effective PNS radius. This provides a reservoir of gravi-
tational potential energy that can be converted into neutrinos. Therefore, around two
thirds of the total energy, ESN is available during the PNS cooling phase.
After the CCSN shock has passed through the PNS, the interior entropy varies be-
tween one and six kb/baryon. Peak temperatures between 30−60MeV are reached
during PNS evolution, while the surface of the PNS has a temperature around
3− 5MeV. The interior of the PNS is comprised of interacting protons, neu-
trons, and electrons, at densities greater than a few times nuclear saturation density
(ρs ≈ 2.8×1014g cm−3) towards the center of the PNS. It is also possible that more
exotic degrees of freedom are present in the inner most regions of the PNS (Prakash
et al, 1997).
During core collapse, electron capture on heavy nuclei removes around 40% of
the electrons from the core before neutrinos become trapped (Hix et al, 2003), leav-
ing behind Ye ≈ 0.3 in the core. Ye is the number of electrons per baryon and is equal
to the proton fraction by charge conservation. Although this constitutes a large por-
tion of the initial lepton number of the core, a cold NS has an even lower total lepton
number. The lepton number of the PNS is the total number of electrons plus electron
neutrinos minus the number of positrons and electron antineutrinos, which is a con-
served quantity. In a cold NS, the interactions e−+ p→ νe+n and n→ ν¯e+e−+ p
are in equilibrium. Equating these rates and solving for the electron fraction results
in Ye ∼ 0.1 for the densities encountered in the cores of NSs. Therefore, the PNS
must“deleptonize” to become a NS, which requires losing a total lepton number of
around
NL ≈ 3.4×1056
(
Mpns
1.4M
)
, (2)
which must be removed from the PNS by neutrinos.
Inside the PNS, a copious number of neutrinos of all flavors are produced and
scattered by weak interactions involving both the baryons and the leptons present
in the medium. The rate at which neutrinos leave the PNS and carry off energy and
lepton number will depend on thermal neutrino mean free path inside the PNS with
energy εν ∼ 60MeV. Using a reference weak interaction neutrino cross-section (see
section 3.1)
σν =
4G2Fε2ν
pi
≈ 3×10−40 cm2
( εν
60MeV
)2
, (3)
where, GF is the Fermi coupling constant, εν is the neutrino energy. A naive estimate
of the neutrino mean free path in the PNS is then
λν ∼ 1n¯bσν ≈ 14cm
(
ε¯ν
60MeV
)−2( Rpns
12km
)3(Mpns
M
)−1
, (4)
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where n¯b = 3Mpns/(4piR3pnsmb) is the average baryon density of the PNS and ε¯ν is
a characteristic energy for neutrinos inside the PNS. The neutrino mean free path
is much smaller than the radius of the PNS, which is around 12 km once the shock
heated mantle has cooled. Therefore, neutrinos must escape from the PNS diffu-
sively and will be in thermal and chemical equilibrium with the baryons and elec-
trons throughout most of the PNS.
2.1 The Equations of PNS Cooling
Generally, PNS evolution is a neutrino radiation hydrodynamics problem where
general relativity is important. A number of simplifications to the general system
of equations can be made. First, the PNS cooling time scale is much longer than
the sound crossing time of the PNS. Therefore, PNSs are very close to being in
hydrostatic equilibrium and spherical symmetric. With these approximations, the
equations of PNS cooling become (see (Burrows and Lattimer, 1986; Pons et al,
1999; Roberts, 2012) for detailed derivations)
dP
dr
= −G(Mg+4pir
3P)(ρ+P)
r2Γ 2
(5)
dMg
dr
= 4pir2ρ (6)
dN
dr
=
4pir2nb
Γ
(7)
dα
dP
= − α
P+ρ
(8)
dYL
dt
= −∂ (4piαr
2FL)
∂N
(9)
dYe
dt
= α
SN
nb
(10)
d((ρ+ρν)/nb)
dt
= −α−1 ∂ (4piα
2r2Hν)
∂N
− (P+Pν)d(1/n)dt (11)
d(ρ/nb)
dt
= α
SE
nb
−Pd(1/n)
dt
. (12)
Equations 5, 6, 7, and 8 are just the relativistic equations of hydrostatic equilibrium,
where P is the pressure, ρ is energy density of the background fluid, ρν is the energy
density of the neutrinos, nb is the baryon density, Mg is the gravitational mass, N is
the enclosed baryon number, r is the radius, Γ =
√
1−2GMg/r and α is the lapse
function. The lepton fraction is YL = Ye+Yνe , where Ye is the number of electron
per baryon and Yνe = (nνe − nν¯e)/nb is the local net number of electron neutrinos
per baryon. Equations 9, and 11 describe conservation of lepton number and total
internal energy in the PNS. Throughout most of the PNS, equations 10 and 12 are
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zero and can be neglected since the neutrino number and energy source functions,
SN and SE , rapidly bring the neutrinos into thermal equilibrium with the background
fluid. The energy flux and lepton number fluxes are given by FL = FNνe −FNν¯e and
Hν =∑FEi (where the sum runs over all flavors of neutrinos and antineutrinos). The
number and energy fluxes of individual neutrino species are given by
F{N/E}νi =
2pi
(2pi)3
∫ ∞
0
dεε{2/3}
∫ 1
−1
dµµ fνi , (13)
where fνi = fνi(t,r,ε,µ) is the distribution function of neutrinos of species i, µ is
the cosine of the angle of neutrino propagation relative to the radial direction, and
ε is the neutrino energy. Below, we often discuss the neutrino luminosity, Lνi =
4pir2α2FEi and the neutrino number luminosity N˙νi = 4pir2αFNi .
Solution of this system of equations requires a method of determining the fνi , the
evolution of which is determined by the Boltzmann equation,
Dfνi
Dl
= (ηa,i+ηs,i[ fνi ])(1− fνi)− (κa,i+κs,i[ fνi ]) fνi , (14)
where D/Dl is a Lagrangian derivative in phase space, etaa and ηs are absorp-
tion scattering emissivities, and κa and κs are absorption and scattering opacities
(Lindquist, 1966; Thorne, 1981). The evolution of the fν can be attacked directly
with the Boltzmann equation, but neutrino transport simplifies greatly throughout
most of the PNS. As was mentioned above, the neutrino mean free path inside the
PNS is much shorter than the distance over which nb, T , andYe are changing. There-
fore, the neutrino distribution functions are very close to thermal and the neutrinos
propagate through the star diffusively. In the diffusion limit diffusion limit of the
Boltzmann equation, the number and energy flux of neutrinos of species i are given
by opacity weighted radial derivatives of the neutrino density (Burrows and Lat-
timer, 1986; Pons et al, 1999)
F{N/E}ν i =−
Γ
α{3/4}
∫ ∞
0
dω
ω{2/3}
3
(
κ∗a,i+κ∗s,i
) ∂ fi,FD(ω/α)
∂ r
, (15)
where fi,FD(ε) = [1+ exp(ε/T −ηi)]−1 is the Fermi-Dirac distribution for neutri-
nos of species i with degeneracy parameter ηi, ω is the neutrino energy at infinity.
Both electron neutrinos and antineutrinos rapidly reach chemical equilibrium with
the nuclear medium via charged current neutrino interactions. Therefore, the elec-
tron neutrino chemical potential is µνe = µe+µp−µn and µν¯e =−µνe . Because of
the large mass of the µ and τ particles, no net µ or τ number is produced in the PNS
and µνµ = µντ = 0. The quantity κ∗a,i is the total absorption opacity corrected for
detailed balance and κ∗s,i is the scattering transport opacity (Pons et al, 1999; Bur-
rows et al, 2006). These opacities have units of inverse length and are approximately
κ ∼ nbσν . In the equilibrium diffusion limit, the isotropic parts of the neutrino dis-
tribution functions only depends on the local temperature, as well as the electron
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neutrino degeneracy factor, ηνe = µνe/T , for electron neutrinos and antineutrinos.
The chemical potentials of the µ and τ neutrinos are zero throughout the PNS due
to the large masses of the µ and τ particles. With these assumptions, the total lepton
and energy fluxes in the diffusion limit become
FL =− ΓT
2
α6pi2
[
D3
∂ (αT )
∂ r
+D2αT
∂ηνe
∂ r
]
(16)
Hν =− ΓT
3
α6pi2
[
D4
∂ (αT )
∂ r
+D3αT
∂ηνe
∂ r
]
, (17)
where D2 = D
νe
2 +D
ν¯e
2 , D3 = D
νe
3 −Dν¯e3 , and D4 = ∑iDi4 are diffusion coefficients.
The single species diffusion coefficients are Rosseland mean opacities defined by
Din =
∫ ∞
0
dε
εn fi,FD(1− fi,FD)
T n+1
(
κ∗a,i+κ∗s,i
) . (18)
Only electron neutrinos and antineutrinos contribute to the lepton flux diffusion co-
efficients while all species contribute to the energy flux diffusion coefficients. Note
that the diffusion coefficients will be ∼ λν(〈εν〉), where 〈εν〉 is an average neutrino
energy in the medium. This makes it clear that gradients in the temperature and µνe
in the PNS core, combined with the neutrino opacities, drive its deleptonization and
cooling.
In addition to these structure and transport equations, a model for the dense mat-
ter encountered in the PNS, as well as the initial configuration of s and YL versus
radius, is required to predict the PNS neutrino signal. The EoS – which determines
ρ , P, and µνe as a function of nb, T , and Ye – and the neutrino diffusion coefficients
depend strongly on the properties of matter at and above nuclear saturation density.
The equilibrium diffusion equations described above provide an excellent ap-
proximation to neutrino transport in the optically thick interior regions of the PNS,
are useful for understanding the basic properties of PNS cooling, and have been used
– along with flux limiters to prevent superluminal transport of energy and lepton
number (Burrows and Lattimer, 1986) – in numerous works studying the cooling of
PNSs (Burrows and Lattimer, 1986; Keil and Janka, 1995; Pons et al, 1999; Roberts
et al, 2012). Nonetheless, they are not suited to describing neutrino transport near the
surface where the neutrino mean free paths become large. They also cannot provide
any information about the average energies of the neutrinos that emerge from the
neutron star since they assume neutrinos are everywhere in thermal equilibrium with
the background material. Therefore, some works have employed non-equilibrium,
spectral neutrino transport at varying levels of sophistication (Woosley et al, 1994;
Sumiyoshi et al, 1995; Hu¨depohl et al., 2010; Fischer et al, 2010; Roberts et al,
2012; Nakazato et al, 2013). These methods all evolve the non-equilibrium distribu-
tion function of the neutrinos, fνi , at a large number of neutrino energies using the
Boltzmann equation or some approximation thereof.
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2.2 PNS Evolution
Here, the evolution of a fiducial 1.42M PNS model is described. PNS evolution has
been modeled using numerical codes for almost thirty years (Burrows and Lattimer,
1986; Burrows, 1987; Sumiyoshi et al, 1995; Keil and Janka, 1995; Keil et al, 1995;
Pons et al, 1999, 2001a,a; Fischer et al, 2010; Hu¨depohl et al., 2010; Roberts et al,
2012; Roberts, 2012; Nakazato et al, 2013). Although the fidelity to the underlying
micro- and macro-physics has improved with time, the basic features of PNS cooling
are still the same. The illustrative model discussed in this section was calculated
using the multi-energy group neutrino transport method described in (Roberts et al,
2012). Even so, throughout most of the PNS this more realistic transport methods
reduces to the diffusion equations described above.
This calculation began with a pre-SN model of a 15M star from (Woosley and
Weaver, 1995). The evolution through core collapse, bounce, and the cessation of
shock expansion was followed. Once the SN shock crossed an enclosed baryonic
mass of 1.42M, material outside this region was excised from the grid to crudely
simulate the CCSN explosion. Then this PNS core was evolved for one hundred
seconds. This model is comparable to models found in (Hu¨depohl et al., 2010; Fis-
cher et al, 2010). We used an EoS similar to the Lattimer-Swesty equation of state
with incompressibility Ks = 220MeV (Lattimer and Douglas Swesty, 1991) and all
neutrino-nucleon interactions were treated in the elastic limit. The evolution of the
interior structure of the model is shown in figure 1. The time evolution of various
quantities in the center of the PNS as well as its energy and lepton number losses are
shown in figure 2. These figures also show the evolution of the star during the pre-
explosion phase of the SN (see the chapter “Neutrino emission from supernovae”
for a detailed discussion of the early time emission).
The initial structure left behind after deleptonization during core collapse and
shock propagation through the core can be seen with the yellow lines in the panels
showing the entropy and the lepton fraction in figure 1. There is a low entropy, high
lepton number core and a high entropy, low lepton number mantle. The transition
point between these two phases is near the maximum temperature point in the PNS.
After collapse and bounce, the SN shock formed near this transition point, so the
mantle is shock heated and the core is not. The high entropy found in the mantle in-
creases its pressure and thereby increases its radius and decreases its density relative
to the core.
The initial core lepton fraction, YL = 0.33, is set by the point during core collapse
when neutrinos become trapped, which occurs when the core reaches a density near
10−4 fm−3 (Hix et al, 2003). This can be seen in the second and fourth panels of fig-
ure 2. Electron neutrinos are able to rapidly remove lepton number from the mantle,
so this region has ηνe ≈ 0.
Once the SN shock begins to explode the star and accretion slows down or ceases,
PNS neutrino emission proceeds in three phases: the mantle contraction phase, the
deleptonization phase, and the thermal cooling phase. The basic features of these
different phases can be seen in figures 1 and 2.
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Fig. 1 Interior PNS quantities at selected times, with time coded by color. The semi-transparent
lines on the color bar demarcate the time of the various lines shown in the panels below it. The
gray lines are for selected times during the dynamical post-bounce evolution. Here, we focus on
the evolution of the inner core after the dynamical phase has ended. The top left panel shows the
energy carried by all flavors of neutrinos while the top right panel shows the net lepton number
transported by neutrinos as a function of enclosed baryonic mass. The second row of panels shows
the evolution of the entropy and lepton fraction, which is determined by the neutrino fluxes. The
third row of panels shows the temperature and neutrino degeneracy parameter evolution. Gradients
in these quantities drive the diffusive neutrino fluxes. The final row of panels shows the radius and
baryon density as a function of enclosed baryonic mass to illustrate how the structure of the PNS
evolves and contracts in response to loss of energy and lepton number.
Neutrino Signatures From Young Neutron Stars 9
10−2
10−1
100
101
102
L ν
(1
05
2
er
g
s−
1 )
0.1
0.2
0.3
0.4
Y e
an
d
Y L
Ye
YL
Rpns
0.0
0.5
1.0
1.5
2.0
s
(k
b/
ba
ry
on
)
0 10−1 100 101 102
tpost-bounce (s)
0.0
0.1
0.2
0.3
0.4
n b
(f
m
−3
)
0.6
0.7
0.8
0.9
α
0
5
10
15
20
η
ν e
50
100
R
(k
m
)
10−2
10−1
100
101
102
N˙
ν
(1
05
7
s−
1 )
Fig. 2 Time evolution of central quantities and the total neutrino luminosity and lepton flux. The
gray region corresponds to the accretion phase and is on a linear time scale, while the region to
the right is the PNS cooling phase and it is plotted on a logarithmic scale. At the transition from
the accretion phase to the PNS cooling phase, all of the material from above the shock is excised
from the grid, causing a slight jump in some quantities. The top panel shows the total energy
loss rate from the PNS and the deleptonization rate. The second panel shows the evolution of the
central lepton fraction and electron fraction, as well as the PNS radius. The deleptonization era
corresponds to the period over which Ye and YL differ. The third panel shows the evolution of the
central neutrino chemical potential and entropy. The impact of Joule heating is visible between
five and twenty seconds. The bottom panel shows the central density and the central lapse, α , to
illustrate the contraction of the PNS over time.
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Mantle Contraction - During the first few seconds, the neutrino emission is dom-
inated by contributions from the contracting mantle. This contraction is not dynam-
ical. Rather, it is driven by the reduction in pressure due to entropy and electron
losses. As can be seen in the second to last panel of figure 2, the radius of the PNS
contracts from around 100 km to a value very close to the cold NS radius – which
is 12 km for the EoS state used in this model – within the first two seconds of PNS
evolution. The neutrino luminosity emerging from the surface of the PNS is sourced
completely in this region, see the top left panel of figure 1. In fact, energy is also
being lost from the inner boundary of the mantle as electron antineutrinos and heavy
flavored neutrinos diffuse down the positive temperature gradient into the core; the
total neutrino luminosity becomes negative at the core mantle boundary. Addition-
ally, the deleptonization wave pushes inward over this period but does not reach the
center of the PNS. This can be seen in the panels of figure 1 showing YL and ηνe .
Deleptonization Phase - Once the PNS has settled down to close to the radius
of a cold NS, the luminosity evolution is driven by the deleptonization wave that
propagates into the center of the PNS and eventually brings the entire PNS to a
state were ηνe = 0. This occurs over a period of about twenty seconds. The lepton
number flux is produced by the negative gradient in ηνe left after shock breakout in
the region between the homologous core and the base of the mantle.
During this period the core entropy and temperature increase, as can be seen in
the bottom panel of figure 2. This is due to two effects. First, as was the case during
the mantle contraction phase, electron antineutrinos and heavy flavored neutrinos
are diffusing inward and heating the core. Second, lepton number is being lost from
the core due to the positive flux of electron neutrinos throughout the PNS, which
causes “Joule heating” (Burrows and Lattimer, 1986). To see this, we recast equation
11 in terms of the entropy using the first law of thermodynamics
T
ds
dt
=−α−1 ∂ (4piα
2r2Hν)
∂N
−µνe
dYL
dt
. (19)
Here, s is the entropy per baryon in units of Boltzmann’s constant, T is the tem-
perature, and µνe is the electron neutrino chemical potential. Joule heating comes
from the second term on the right hand side of this equation, since dYL/dt < 0 and
µνe > 0. Eventually, the combined effects of these two processes raise the central
entropy from around one to two kb/baryon and create a negative entropy and tem-
perature gradients throughout the star.
Thermal Cooling Phase - Once ηνe ∼ 0 throughout the star (see figure 1), the PNS
slowly contracts as energy leaks from the entire star. Both the entropy and lepton
number of the core fall during this period, as shown in figure 2. The deleptoniza-
tion rate falls off rapidly, but it does not go to zero because the local equilibrium
electron fraction decreases with the local temperature, so low level deleptonization
continues. The period of PNS cooling ends when the object becomes optically thin
to neutrinos and the neutrino luminosity falls off abruptly.
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2.3 Analytic Estimates of Cooling Phase Timescales
It is instructive to use the equations of section 2.1 and a few simplifying assumptions
to obtain analytic solutions to the neutrino transport equations. This can elucidate
how the timescales of the deleptonization and thermal cooling phases depend on the
neutrino opacities and the EoS.
At the onset of deleptonization electron neutrinos are degenerate. Under these
conditions, the gradient in neutrino chemical potential dominates lepton number
flux in Eq. 9. Further, due to Pauli blocking only neutrinos at the Fermi surface
contribute and the relevant diffusion coefficient reduces to
D2 '
µ2νe
2T 2
1
κ∗a (µνe)
. (20)
In degenerate matter, as we shall show later in section 3.1
κ∗a (µνe ,T )≈
G2F
2pi
1+3g2A
4
M2T 2µe '
(
kBT
15 MeV
)2( µe
200 MeV
) 1
20 cm
(21)
where M is the nucleon mass, T is the temperature and µe is the electron chemi-
cal potential. Using Eq. 20 and neglecting general relativistic corrections we, can
approximate the lepton number flux in Eq. 9 as
FL ≈ nb6κ∗a
∂Yνe
∂ r
. (22)
By noting that nb/κ∗a is a weak function of the density we ignore its spatial depen-
dence to find an analytic solution of the separable form Yν(r, t) = Yν ,0φ(t)ψ(r) to
Eq. 9, similar to the method descibed in (Prakash et al, 1997). Using appropriate
boundary conditions at the surface we separately solve for spatial and temporal de-
pendencies with φ(0) = 1 and ψ(0) = 1. For the temporal part, which is of interest
here, we obtain a simple exponential solution
φ(t) = exp
(−t
τD
)
where τD ' 6〈κ
∗
a 〉 R2
Cx
∂YL
∂Yν
. (23)
Here, 〈κ∗a 〉 represents a spatial average of the charged current opacity inside the
PNS and the constant Cx ' 10 depends on ψ(r). Using fiducial values T = 15 MeV
and µe = 200 MeV and ∂YL/∂Yν = 5 and setting 〈κ∗a 〉 = κ∗a (µe = 200 MeV,T =
15 MeV) we obtain
τD ≈ 11
(
R
10 km
)2( kBT
15 MeV
)2( µe
200 MeV
)( ∂YL
5 ∂Yν
)
s . (24)
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This result, albeit arrived at with some approximation, clearly reveals the micro-
physics. The dependence on T , µe, and ∂YL/∂Yν is made explicit and we discuss
later in section 3 how the dense matter EoS directly affects these properties.
We can also estimate the amount of Joule heating in the core (see equation 19)
E˙ joule =−nbµν ∂YL∂ t ≈ nbµν
∂YL
∂Yν
Yν ,0
τD
, (25)
where we have used Eq. 23 to express the result in terms of the deleptonization time.
For typical values of the deleptonization time τD ∼ 11 s, and ∂YL/∂Yν ∼ 5, we find
the heating rate per baryon E˙ joule/nb ≈ µνYν ,0/3. At early times when µν ∼ 150
MeV and Yν ,0 ∼ 0.05 the heating rate ≈ 2 MeV per baryon per second will result in
a similar rate of change in the matter temperature. This, coupled with the positive
temperature gradients, results in a net heating of the inner core when t < τD.
After deleptonization when the core begins to cool, the second term in Eq. 19
can be neglected and the energy flux
Hν ≈ T
3
6pi2
D4
∂T
∂ r
. (26)
Energy transport is dominated by νµ , ν¯µ ,ντ , ν¯τ and ν¯e neutrinos since their charged
current reactions are suppressed and therefore they have larger mean free paths. For
typical conditions where nucleons are degenerate and neutrino degeneracy is negli-
gible, elastic neutral current scattering off nucleons is dominant source of opacity
and (see section 3.1)
κ∗s (Eν)'
5
6pi
G2F c
2
A N˜0 kBT E
2
ν , (27)
where N˜0 = ∑i=n,p ∂ni/∂µi is the effective density of nucleon states at the fermi
surface to which neutrinos couple, and cA ' 1.2 is the axial vector coupling. Using
Eq. 27 the diffusion coefficient D4 in Eq. 26 can be written as
D4 =
pi3
G2Fc
2
A N˜0 (kBT )
3 . (28)
Substituting Eq. 28 in Eq. 26, Eq. 19 can be solved with the separable ansatz
T (r, t) = Tcψ(x)φ(t) to find a self-similar solution. We find that the temporal part
φ(t) = 1− (t/τc), where
τc ≈ 2piG
2
Fc
2
A
β
〈
N0
3nb
pi2
∂ s
∂T
〉
kBTc R2 ' 10 s kBTc30 MeV
〈n2/3b 〉
n2/30
(
R
12 km
)2
, (29)
where 〈〉 denotes a spatial average, the numerical constant β ∼= 19, and n0 = 0.16
fm−3. Additionally, we have used ∂ s/∂T = pi2N0/3nb and N0 =M(3pi2nb)1/3/pi2,
which hold for a non-relativistic, degenerate gas. The spatial averages and numerical
value of β are obtained by solving for the function ψ(r).
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2.4 PNS Neutrino Emission
Here, we discuss the evolution of the flavor dependent neutrino luminosities and
average energies, which constitute the detectable signal from the PNS. We focus
on the properties of the neutrinos near the surface of the PNS. As the neutrinos
propagate through the rest of the star, neutrino oscillations can change the flavor
content of the neutrino fields and alter the spectra of the neutrinos that eventually
reach earth (Duan et al, 2010). The effects of neutrino oscillations on the PNS signal
are discussed in the chapter “Neutrino conversion in supernovae”.
The evolution of the interior of the PNS drives the total energy and lepton number
emitted from the surface, but the outermost layers of the PNS shape the spectrum
of the emitted neutrinos. Therefore, it is convenient to describe the approximate
radius at which neutrinos that escape to infinity are emitted, the “neutrino sphere”
Rν . Following (Keil et al, 2003; Fischer et al, 2011), we define
τtherm(Rν) =
∫ ∞
Rν
dr
√
〈κa〉(〈κa〉+ 〈κs〉) = 23 , (30)
where 〈κ〉 is an opacity averaged over the local neutrino distribution function. This
is of course an approximation, since neutrino interactions have a strong energy de-
pendence. Neutrinos of the same flavor but different energies will therefore decou-
ple at different positions within the PNS. Nonetheless, the neutrino luminosity in a
particular flavor can be reasonably estimated by assuming the neutrino sphere is a
black-body emitter
Lν = 4piσBBφR2νT (Rν)
4, (31)
where σBB = 4.75× 1035erg MeV−4 cm−2 s−1 is the black body constant and φ is
a factor of order unity that accounts for deviations from strict Fermi-Dirac black
body emission (Hu¨depohl et al., 2010; Mirizzi et al, 2015). For a pure black body
spectrum, the average energy of the emitted neutrinos would be 〈εν〉 ≈ 3.15T (Rν).
The energy moments of neutrinos of species i at radius r are given by
〈εnνi〉=
∫ ∞
0 dε
∫ 1
−1 dµεn+2 fνi∫ ∞
0 dε
∫ 1
−1 dµε2 fνi
. (32)
In reality, high energy neutrinos have a larger decoupling radius than lower energy
neutrinos due to the approximate ε2ν scaling of the neutrino opacities (Keil et al,
2003). Therefore, high energy neutrinos are emitted from regions with lower tem-
peratures. The emitted neutrino spectra then have a “pinched” character, where there
is a deficit of high energy neutrinos relative to the Fermi-Dirac spectrum predicted
by an energy averaged neutrinosphere (Janka and Hillebrandt, 1989).
The evolution of the neutrino sphere radii as a function of time are shown in
the third panel and the temperature at the neutrino spheres is shown in the fourth
panel of figure 3. There are only small differences between the µ and τ flavored
neutrino and antineutrino emission because they experience similar neutral current
opacities. Therefore, we group all of these flavors together in flavor x. During the
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Fig. 3 Time evolution of neutrino properties at infinity and the properties of the neutrino spheres.
The gray region corresponds to the accretion phase and is on a linear scale, while the region to
the right is the PNS cooling phase and it is plotted on a logarithmic scale. We measure radiation
quantities at a radius of 300 km or at the maximum radius of the simulation domain, whichever
is smaller. At the transition from the accretion phase to the PNS cooling phase, all of the material
from above the shock is excised from the grid, causing a slight jump in some quantities. In all of
the panels, all heavy flavored neutrinos are represented by νx, since their properties are all very
similar. In the top panel, we show the neutrino luminosity for single flavors as a function of time.
In the second panel, we show the evolution of the neutrino average energies. In the third panel we
show the evolution of the neutrino sphere radii, along with the PNS radius, as a function of time.
The simulation covers the entire time the PNS is optically thick to neutrinos. The bottom panel
show the temperature at the neutrinospheres. Similar results can be found in (Fischer et al, 2011).
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accretion phase and into the mantle contraction phase, there is a clear hierarchy
with Rνx < Rν¯e < Rνe . This is driven mainly by differences in the charged cur-
rent opacities: electron neutrinos get a large opacity contribution from the reac-
tion νe + n → e− + p due to the large number of neutrons present near the de-
coupling region, electron antineutrinos get a somewhat smaller contribution from
ν¯e + p → e+ + n because of the small number of protons present in the decou-
pling region, and heavy flavored neutrinos receive no contribution to their opacity
from charged current interactions. Since the temperature is decreasing with increas-
ing radius, this gives rise to the standard early time hierarchy of neutrino energies
〈ενe〉 < 〈εν¯e〉 < 〈ενx〉 during the accretion and mantle cooling phases that can be
seen in the second panel of figure 3. During this period, inelastic scattering from
electrons outside of the neutrino sphere reduces the average energies of heavy fla-
vored neutrinos relative to what the black body model would predict (Raffelt, 2001).
In the deleptonization phase, there are very few protons in the outer layers of the
PNS. Therefore, the opacities for the electron antineutrinos and the heavy flavored
neutrinos are very similar and all of these neutrino flavors decouple at similar radii.
In figure 3, these neutrinos have almost equal average energies over the majority
of the PNS cooling phase. Eventually, during the thermal cooling phase all three
neutrino spheres converge and the average emitted energies of all flavors become
similar (Fischer et al, 2011), although the time at which they converge depends on
how the charged current opacities are calculated (Roberts et al, 2012).
The top panel of 3 shows the luminosities of individual flavors of neutrinos. Soon
after shock break out, the electron neutrino and antineutrino luminosities become
very close to one another and stay similar throughout the entire cooling evolution.
Deleptonization proceeds because the average energies of the electron neutrinos
are lower and more electron neutrinos are required to carry a fixed luminosity than
electron antineutrinos. Due to their small neutrinosphere, the heavy flavored neu-
trino luminosities are much lower than the electron neutrino luminosities during the
mantle cooling phase. After mantle contraction, there is approximate equipartition
of luminosity among the different flavors.
3 Physics that shapes the cooling signal
The PNS neutrino signal is interesting in part because it is shaped by the prop-
erties of neutron rich material at densities and temperatures that are inaccessible
in the laboratory. Because of the high densities encountered throughout the PNS,
the inter-nucleon separation is small enough that interactions between nuclei play
a central role in determining the PNS EoS and the neutrino interaction rates. Over
the past decade improved models to describe hot and dense matter were developed
that reproduce empirically known properties of symmetric nuclear matter at satura-
tion density. However, since matter encountered in the proto-neutron stars is char-
acterized by a small proton fraction xp ' 0.05− 0.3, the symmetry energy defined
through the relation
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S(nb) = E(nb,xp = 1/2)−En(nb,xp = 0) , (33)
where E(nb,xp = 1/2) is the energy per particle of symmetric nuclear matter and
E(nb,xp = 0) is the energy per particle of pure neutron matter, plays an important
role. The energy of neutron-rich matter E(nb,xp) ' E(nb,xp = 1/2) + S(nb)(1−
2x2p) since quartic and higher order terms are found to be small in most theoretical
calculations. In this context, ab intio calculations of the energy of neutron matter at
sub-saturation density (Gandolfi et al, 2011; Tews et al, 2013) have provided valu-
able guidance in the development of a new suite of models for hot and dense matter
which are also consistent with recent neutron star radii in the range 10− 12 km.
These smaller radii are favored by recent modeling efforts to extract the radius of
neutron stars from x-ray observations of of quiescent neutron star in low mass x-ray
binaries and x-ray burst (Steiner et al, 2013; Ozel et al, 2015). Properties of mat-
ter at and around nuclear saturation density, especially S(nb), can influence delep-
tonization and neutrino cooling timescales, convection and the neutrino spectrum
(Sumiyoshi et al, 1995; Roberts et al, 2012; Roberts et al, 2012). PNS evolution is
also sensitive to the thermal properties of degenerate dense matter as discussed in
2.3, and for a discussion of it we refer the reader to Refs. (Prakash et al, 1997; Con-
stantinou et al, 2014; Rrapaj et al, 2015). In the next two subsections, we describe
how nuclear interactions can affect neutrino opacities and convective instabilities
inside the PNS, both of which can alter the PNS cooling timescale.
At densities near and below nuclear saturation density, PNS matter is only com-
posed of protons, neutrons, and electrons, but at higher densities it is possible for
more exotic material to be present. Hyperons–baryons containing strange quarks–
can be produced in the interior of the PNS because the weak interaction does not
conserve strangeness (Prakash et al, 1997). Quark matter (Steiner et al, 2001; Pons
et al, 2001b) or Bose condensates (Prakash et al, 1997; Pons et al, 2000, 2001a)
may also exist in the inner most regions of PNSs. In addition to altering the neutrino
opacities, these new degrees of freedom serve to soften the nuclear EoS at high den-
sity and reduce the maximum neutron star mass. This can lead to “metastable” PNSs
that emit neutrinos for tens of seconds before collapsing to a black hole (BH) when
more exotic material forms in their core and pressure support is reduced. BH for-
mation would abruptly end the neutrino signal and is therefore directly observable
(Pons et al, 2001b). We do not discuss these effects in any more detail here, but refer
the reader to (Prakash et al, 1997).
3.1 Neutrino opacities in dense matter
The neutrino scattering opactities and thereby the diffusion coefficients defined in
section 2.1 receive contributions from neutrino scattering, absorption, and pair-
production processes, as well as the inverses of the latter two. Scattering contri-
butions come from the reactions
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Fig. 4 Ratio of diffusion coefficients not including nuclear correlations to diffusion coefficients in-
cluding nuclear correlations. At high density, weak charge screening (calculated using the random
phase approximation) supresses the neutrino opacity and increases the neutrino diffusion coeffi-
cients. This reduces the PNS cooling timescale.
νi+n
 νi+n
νi+ p
 νi+ p
νi+ e− 
 νi+ e−
νi+ e+ 
 νi+ e+,
as well as scattering from other possible components of the medium. All of the reac-
tions above have neutral current contributions for all flavors of neutrinos, while e−
and e+ scattering also have a charged current contribution for νe and ν¯e scattering,
respectively. Since the dominant scattering contribution for all particles comes from
the n and p scattering, there are only small differences between the scattering con-
tributions to the diffusion coefficients for different neutrino flavors. Scattering from
electrons and positrons can be highly inelastic, due to the small mass of the electron
relative to the characteristic PNS neutrino energy, while scattering from neutrons
and protons is close to elastic. This inelasticity can alter the emitted neutrino spec-
trum and serves to bring the average energies of the different neutrino species closer
to one another (Hu¨depohl et al., 2010).
The diffusion coefficients for the various neutrino flavors become different from
one another due to charged current neutrino interactions. The main absorption con-
tribution to Dνei comes from
e−+ p
 νe+n, (34)
while the main absorption contribution to Dν¯ei comes from
e++n
 ν¯e+ p. (35)
All of the opacities receive contributions from thermal processes such as
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The models shown here are similar to those described in (Roberts et al, 2012).
N+N → N+N+ν+ ν¯
e−+ e+ → ν+ ν¯ ,
but these are usually small compared to the charged current interactions that affect
the electron neutrinos and antineutrinos.
For both scattering and absorption processes, the cross section per unit volume
for a general process ν+2→ 3+4 (where particle 3 is either a neutrino, electron,
or positron) can be written as (Reddy et al, 1998)
κ(εν) =
2
2εν(2pi)9
∫ d3p2
2ε2
∫ d3p3
2ε3
∫ d3p4
2ε4
f2(ε2)(1− f3(ε3))(1− f4(ε4))
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×(2pi)4δ 4 (Pν +P2−P3−P4)〈|M |2〉, (36)
where
〈|M |2〉 = 16G2F
[
(C2V +CA)
2(Pν ·P2)(P3 ·P4)+(CV −CA)2(P2 ·P3)(Pν ·P4)(37)
−(C2V −C2A)M2M4(Pν ·P3)
]
(38)
is the spin summed weak interaction matrix element of the process, CV and CA are
vector and axial coupling constants, δ 4 is the four-dimensional Dirac delta function,
Pi = (εi,−pi) is the relativistic four-momentum, pi is the three-momentum, εi is
the energy, and fi is the distribution of species i. Particles 2 and 4 are always in
thermal equilibrium inside PNSs, so f2 and f4 are isotropic Fermi-Dirac distribution
functions. This expression comes from directly from Fermi’s Golden Rule. If we
specialize to particle 2 and 4 being nucleons, the reduced matrix element becomes
independent of the nucleon momenta at leading order v/c and the cross-section can
be written as
κ(εν) =
G2F
(2pi)2
∫ 1
−1
dµ3(C2V (1+µ3)+C
2
A(3−µ3))
∫ ∞
0
dε3p3ε3(1− f3(ε3))S(q0,q),
(39)
where CV and CA are weak vector and axial-vector coupling constants of the weak
interaction, µ3 = pν ·p3/(|pν ||p3|), and
S(q0,q) = 2
∫ d3p2
(2pi)3
∫ d3p4
(2pi)3
f2(ε2)(1− f4(ε4))(2pi)4δ 4 (Q+P2−P4) (40)
The energy-momentum transfer from the neutrino to the nucleons is denoted by the
four-vector Q= (q0,−q), such that ε3 = εν−q0 and q= |q|=
√
ε2ν + ε23 −2ενε3µ3.
This form of the opacity separates the contribution of the nucleons (or the “medium”)
from the neutrino and the outgoing particle (be it another particle or a neutrino
with a different energy). The function S(q0,q) is often referred to as the response
function or structure factor. A similar separation is found when the full momentum
dependence of the matrix element is included, although there are multiple response
functions with different kinematic dependence (Reddy et al, 1998). The contribution
to the cross section from particle 3 is the amount of phase space available to it in
the final state, which results in the leading order ε2ν dependence of weak interaction
cross sections when q0 ∼ 0.
The response function includes the effects of energy/momentum conservation,
Pauli blocking of the final state nucleons, and thermal motion of the nucleons. When
the momentum transfer q is small (so that p2 = p4), the response simplifies signif-
icantly. After manipulating the Fermi-Dirac distribution functions and integrating,
one finds
S(q0,0) = 2piδ (q0)
n2−n4
1− exp((µ4−µ2)/T ) . (41)
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When species 2 and 4 are non-degenerate, this reduces to 2piδ (q0)n2. This response
is purely elastic, since q0 = 0 and εν = ε3. For scattering reactions, when species
two equals species four, this response becomes
Sscat(q0,0) = 2piδ (q0)T
∂n2
∂µ2
. (42)
In the degenerate limit, the response can be shown to be (Reddy et al, 1998)
Sdeg(q0,q) =
M2(q0+µ2−µ4)
piq
Θ(q− pF2 + pF4)
1− exp((µ4−µ2−q0)/T ) , (43)
where pFi is the Fermi momentum of particles of species i and Θ is the Heaviside
step function. The opacity then becomes
κ(εν) =
G2F
4pi3
(C2V +3C
2
A)M
2T 2(εν +µ2−µ4)Ξ
pi2+
( εν−µν
T
)2
1+ exp((µν − εν)/T ) , (44)
where
Ξ =Θ(pF4 + pF3 − pF2 − pFν )+
pF4 + pF3 − pF2 + pFν
2εν
Θ(pFν −|pF4 + pF3 − pF2 |).
(45)
When neutrinos are degenerate, only neutrinos near the Fermi surface will be able
to scatter. The relevant opacity is then
κ(µν) =
G2F
8pi
(C2V +3C
2
A)M
2(kBT )2µ3, (46)
where we have assumed all four species are in equilibrium, µν + µ2 = µ3 + µ4.
These results are used in section 2.3 to estimate the deleptonization and thermal
cooling timescales.
If nucleon-nucleon interactions are also considered, they can alter the response of
the medium in a number of ways (Hannestad and Raffelt, 1998; Reddy et al, 1998,
1999; Burrows and Sawyer, 1998; Horowitz and Pe´rez-Garcı´a, 2003). The simplest
way to include nucleon-nucleon interactions is in the mean field approximation. In
this approximation, the averaged interaction with all other nucleons gives single
nucleons a momentum independent potential energy and an effective in medium
mass. The nucleon energy-momentum relation then becomes ε2,4 = p22,4/2m
∗
2,4 +
U2,4. In the zero momentum transfer limit, the response becomes (Reddy et al, 1998)
SMF(q0,0) = 2piδ (q0+∆U)
n2−n4
1− exp((µ4−µ2+∆U)/T ) , (47)
where ∆U =U2−U4. This implies that ε3 = εν +∆U . Because the cross-section
strongly depends on the phase space available to particle 3, a large, positive ∆U can
increase the neutrino cross section while a negative ∆U will reduce the cross section
(Martı´nez-Pinedo et al, 2012; Roberts et al, 2012). The potential energy of neutrons,
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Un, differs from the potential energy of protons, Up due to the isospin dependence
of the nuclear interaction. In neutron rich material, neutrons have a larger potential
energy than protons because of the large, positive nuclear symmetry energy, S(nb),
throughout the PNS. In fact, the potential energy difference can be related directly to
the nuclear symmetry energy (Hempel, 2015). Therefore, mean field corrections to
the response in PNSs increase the cross section for νe+n→ e−+ p and decrease the
cross section for ν¯e+ p→ e++n. This change alters D2 and D3 and thereby the PNS
deleptonization rate (Roberts, 2012). These corrections can also move the electron
neutrino sphere to a larger radius and the electron antineutrinosphere to a smaller
radius. This increases the difference between 〈ενe〉 and 〈εν¯e〉, which may have large
consequences for nucleosynthesis near the PNS (see section 4.3) (Roberts, 2012;
Martı´nez-Pinedo et al, 2012).
When the neutrino wavelength is long compared to the inter-nucleon separation
distance, neutrino interactions with the medium concurrently involve multiple nu-
cleons at a microscopic level. In this limit, collective properties induced by nuclear
interactions can significantly alter the response of the nuclear medium. The mean
field approximation does not account for possible nucleon-nucleon correlations in-
duced by interactions. Generally, accounting for these correlations is a complex
many-body problem which has only been tackled within the random phase approx-
imation (RPA) (Burrows and Sawyer, 1998; Reddy et al, 1999). The RPA essen-
tially accounts for weak charge screening, which can reduce the neutrino opacity.
In figure 4, we show the suppression of the diffusion coefficients by correlations.
At high density, the corrections can be larger than a factor of two. This serves to
decrease the cooling timescale of the PNS (Burrows and Sawyer, 1998; Reddy et al,
1999; Hu¨depohl et al., 2010; Roberts et al, 2012). In figure 5, we show models of
PNS cooling that include RPA corrections to the neutrino interaction rates compared
with those that do not. During the mantle contraction phase they have little affect
because the neutrino luminosity originates in a low density region. Once the neu-
trino luminosity is determined at higher densities, during the deleptonization and
thermal cooling phases, these corrections decrease the neutrino emission timescale.
The magnitude of this effect depends on the assumed nucleon-nucleon interaction
(Keil et al, 1995; Reddy et al, 1999; Roberts et al, 2012).
3.2 PNS Convection
In addition to neutrinos, hydrodynamic motions of the PNS can transport energy and
lepton number through the star. Although the majority of the PNS is in hydrostatic
equilibrium, there can be regions which are unstable to the development of convec-
tion. Similar to the case in normal stellar burning, convective overturn can transport
energy and lepton number much more rapidly than radiation and shorten the cooling
timescale (Burrows, 1987; Wilson and Mayle, 1988; Roberts et al, 2012).
The standard Ledoux criterion for convective instability, adapted to the condi-
tions found inside a PNS, is given by
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ω2C =−
g
γnb
(γs∇ ln(s)+ γYL∇ ln(YL))> 0, (48)
where g is the local acceleration due to gravity and
γnb =
(
∂ lnP
∂ lnnb
)
s,YL
,γs =
(
∂ lnP
∂ lns
)
nb,YL
,γYL =
(
∂ lnP
∂ lnYL
)
nb,s
.
These last three quantities are only functions of the nuclear EoS. In particular, γnb
is related to the sound speed and γnb and γs are always positive. The third ther-
modynamic derivative, γYL can either be positive or negative; the pressure receives
contributions from both electrons which have ∂Pe/∂Ye > 0 and from the nucleons
for which ∂PN/∂Ye < 0 when Ye < 0.5 due variations in ∂S(nb)/∂nb where S(nb)
is the nuclear symmetry energy defined in Eq. 33 (Roberts et al, 2012). Noting that
∂Ye/∂YL > 0 and of order unity, it is easy to see that the sign of γYL can change
depending on the relative contributions of electrons and nucleons. Therefore, the
portion of the PNS that is convectively unstable depends on the assumed nuclear
EoS and its symmetry energy, as well as the gradients of entropy and YL (Roberts
et al, 2012). The PNS may also be subject to doubly diffusive instabilities due to the
lateral transport of composition and energy by neutrinos (Wilson and Mayle, 1988).
These double diffusive instabilities would extend the region over which the PNS
was unstable to hydrodynamic overturn.
The outer PNS mantle is unstable to adiabatic convection soon after the passage
of the bounce shock (Epstein, 1979). This early period of instability beneath the
neutrinospheres has been studied extensively in both one and two dimensions with
the hope that it could increase the neutrino luminosities enough to lead to a suc-
cessful CCSN explosion (Wilson and Mayle, 1988; Buras et al, 2006). During the
deleptonization and thermal cooling phases, more and more of the PNS becomes
unstable to convection because of the entropy and lepton gradients produced by
neutrino cooling. Figure 1 shows that there are negative entropy gradients through-
out the mantle for the entirety of the PNS phase and the negative gradient extends
through the whole PNS by the end of deleptonization.
Because the cooling timescale is much longer than the dynamical timescale of
the PNS, multi-dimensional simulations of late-time PNS convection have not been
carried out to date. Rather, mixing length theory has been employed to study the
impact of convection on the late time neutrino signal (Burrows, 1987; Roberts et al,
2012; Mirizzi et al, 2015). In figure 5, we show the total neutrino luminosity for
models with and without convection to highlight the impact convection can have on
the cooling timescale. At early times, the luminosity is elevated by around 25% due
to convection until the period of convective instability ceases a few seconds after
bounce. After this the luminosity is depressed relative to the case without convec-
tion, and the overall cooling timescale is reduced.
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4 Observable Consequences
4.1 Neutrinos from SN 1987A
Up to now, our discussion of PNS cooling has been mostly theoretical. In fact, the
basics features of PNS cooling were reasonably well characterized before there was
any observational evidence for this picture (Burrows and Lattimer, 1986). In Febru-
ary of 1987, both photons (Kunkel et al, 1987) and neutrinos (Bionta et al, 1987;
Hirata et al, 1987; Alexeyev et al, 1988) reached Earth from a massive star that col-
lapsed in the Large Magellanic Cloud, SN 1987A. Of course, the neutrinos are of
the most interest for constraining PNS evolution, since the optical depth near the
PNS is far too high for photons to escape this region. Bursts of sixteen, eight, and
five neutrinos were observed near the time of SN 1987A in the Kamiokande (Hirata
et al, 1987), IMB (Bionta et al, 1987), and Baksan (Alexeyev et al, 1988) neutrino
detectors, respectively. Although there were only ∼ 30 electron antineutrino events
detected, they provided general confirmation of the previously developed theoreti-
cal picture of neutrino emission during core collapse and subsequent PNS cooling
(Burrows and Lattimer, 1987). The neutrinos were observed within a 23 second win-
dow at Kamiokande and had energies ranging between 5 and 30 MeV. It is worth
mentioning that this implies a PNS survived in the core of SN 1987A for at least
twenty seconds, even though no central object has been observed in the remnant of
SN 1987A to date (Graves et al, 2005).
In figure 6, the joint probability distribution of the electron antineutrino spectral
temperature and PNS cooling timescale inferred from the detected SN 1987A neu-
trino events by (Loredo and Lamb, 2002). They model the PNS cooling phase with
a luminosity falling off with time as Lν¯e(t)∝ (1+ t/τc)−4 and Fermi-Dirac neutrino
spectrum with temperature Tν¯e = Tc,0(1+ t/τc)−1. The neutrino cooling timescale
is best fit with τc = 14.7s and the antineutrino average energy at one second after
bounce is best fit by 〈εν¯e = 13.7MeV. This is in reasonable qualitative agreement
with the models in the literature and the one presented in section 2.4. It is quite an
achievement that models of PNS cooling based on theoretical considerations alone
before 1987 were able to reproduce the general features of the SN 1987A neutrino
signal. Never the less, there is uncertainty in the cooling timescale and Tc,0. Addi-
tionally, attempts have been made to constrain various physical processes operating
during PNS cooling using the SN 1987A neutrino data (Burrows and Lattimer, 1987;
Keil et al, 1995; Reddy et al, 1999).
The neutrino cooling signal from SN 1987A has also been used to constrain
beyond the standard model physics. Essentially, it is possible for exotic particles
with very weak – but not too weak – interactions to rapidly remove energy from the
PNS (Raffelt, 1996). If the amount of energy removed is comparable to the amount
of energy emitted in neutrinos, the neutrino cooling timescale can be shortened. This
technique has been mainly used to put limits on the properties of axions using the
SN 1987A neutrino signal (Keil et al, 1997).
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A. Core collapse and bounce
Several reviews describe the collapse of a massive
(!10M!) star, such as the progenitor of SN 1987A, and the
subsequent birth of a neutron star !13,15,30,51–54,91–95".
Here we summarize the basic features of the supernova event
and the resulting neutrino signal, following closely the de-
scriptions of Woosley and Weaver !51" and of Arnett, Bah-
call, Kirshner, and Woosley !95".
Once the massive progenitor of the supernova begins fus-
ing oxygen, its neutrino luminosity exceeds its photon lumi-
nosity. Neutrinos thus play a dominant role in the evolution
of the star well before the drama of stellar collapse begins,
though the neutrino luminosity is far below the limit of de-
tectability.
Nuclear burning proceeds in the progenitor core until an
iron core is produced with mass Mc#1.26M! , radius Rc
# few "103km, central density $c#1010g cm#3, and cen-
tral temperature Tc#1 MeV. The pressure in the iron core
is dominated by the degeneracy pressure of relativistic elec-
trons (%e#10 MeV), so the core resembles a degenerate
dwarf star with an equation of state with effective adiabatic
index, &$(' ln P/' ln $)s , near that of an ideal, relativistic
electron gas, and therefore only slightly above the critical
value &$4/3 at which gravitational collapse will occur.
Since iron is at the peak of the nuclear binding energy
curve, at this point the progenitor has exhausted its supply of
thermonuclear fuel. The core contracts and heats, causing
photodissociation of the iron nuclei through the reaction (
%56Fe→13)%4n . This reaction is endothermic, requiring
*124 MeV per dissociation, which depletes the kinetic en-
ergy of the electrons, reducing their pressure support of the
star. Additionally, electron captures on nuclei in the core oc-
cur through reactions of the form,
e#%+Z ,A ,→+Z#1,A ,%-e . +9.1,
FIG. 9. Two-dimensional marginal distributions for the param-
eters of the cooling component of the best accretion model. Con-
tours indicate the boundaries of 68% +dashed, and 95% +solid, cred-
ible regions. Points indicate the coordinates of 500 samples from
the distributions.
FIG. 10. Joint marginal distribution for the logarithm of the
observed radius, R, and the logarithm of the binding energy, Eb , of
the nascent neutron star, based on the displaced power-law cooling
and truncated accretion model, with accretion parameters fixed at
their best-fit values. Contours indicate the boundaries of 68%
+dashed, and 95% +solid, credible regions. (Robs ,Eb) curves for
neutron star models based on a representative set of equations of
state appear as solid and dotted curves.
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Fig. 6 Probability contours of the PNS cooling timescale, τc, and the anti-electron neutrino spectral
temperature Tc,0 base on the SN 1987a neutrinos observed at the Super Kamiokande, Baksan,
and IMB detectors, taken from (Loredo and Lamb, 2002). The dashed and solid lines demarcate
regions of 68% and 95% credibility for the PNS cooling parameters, respectively. These inferred
parameters are in good qualitative agreement with the predictions from models of PNS cooling.
In this model, the average electron antineutrino energy is given by 〈εν¯e 〉 ≈ 3.15Tν¯e ≈ 13.7MeV,
where the last value is the value at one second post-bounce. Reprinted figure with permission from
Loredo & Lamb, Phys. Rev. D, Vol. 65, 063002, (2002). Copyright 2002 by the American Physical
Society.
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4.2 Galactic Supernova Neutrinos
Any future galactic SN will yield far more neutrino detections than SN 1987A. The
expected rate of CCSN in the Milky Way is around 1−2 per century (Cappellaro and
Turatto, 2001), so direct CCSN detection is somewhat of a waiting game. Because
of this, there are no dedicated CCSN neutrino detectors, but luckily there are many
neutrino experiments that can moonlight as CCSN neutrino observatories.
The neutrino detection rate for a galactic CCSN can be found by integrating the
neutrino distribution function at Earth over the response of the neutrino detector
(Pons et al, 1999; Scholberg, 2012),
dN
dt
=
2pind
(2pi)3
∫ ∞
0
dενε2νσν(εν)W (εν)
∫ 1
−1
dµ fν(εν ,µ,D)
≈ 87.5s−1
(
D
10kpc
)−2(Mdet
32kt
)(
Lν¯e
1051erg s−1
)( 〈εν¯e〉
12MeV
)
G[ fν¯e(ε)],(49)
where D is the distance from Earth to the SN, nd is the number of particles avail-
able to interact with neutrinos in the detector, and W (ε) is the detector efficiency
as a function of energy. In the second line, we estimate the electron antineutrino
detection rate in a Cerenkov water detector with detector massM . The detector pa-
rameters chosen are meant to approximately correspond to the properties of Super-
Kamiokande (Fukuda et al, 2003). The dimensionless factor
G[ fν(ε)] =
m2e
∫ ∞
0 dεε2σν(ε)W (ε) fν
σν(ε = me)〈εν〉2
∫ ∞
0 dεε2 fν
(50)
encodes the spectral distribution of the neutrinos folded with the neutrino cross sec-
tion and detector response. The presence of a detector threshold in W (ε) can make
the dependence of the count rate on the neutrino average energy steeper than is sug-
gested by the simple scaling relation above. For a Fermi-Dirac distribution of neutri-
nos with zero chemical potential, W has a value ≈ 1.8. Integrating over a predicted
CCSN neutrino signal, (Scholberg, 2012) find that around 7,000 electron antineu-
trino events would be detected in Super-Kamiokande for a SN 10 kpc away and that
the majority of these neutrinos would come from the PNS cooling phase (Mirizzi
et al, 2015). Additionally, electron neutrinos will be detectable in liquid argon de-
tectors through the reaction νe+40 Ar→ e−+40 K. For a supernova at 10 kpc, we
can expect about 700 events per kiloton (Scholberg, 2012). The ' 40 kiloton liquid
Argon detector planned at the Deep Underground Neutrino Experiment (DUNE)
will be able to provide valuable and complementary information about flavor and
lepton number when combined with water Cerenkov detectors. Together, the large
number of events and high energy resolution available from the current suite of neu-
trino experiments will put much more stringent constraints on the interior properties
of PNSs when the next galactic CCSN is detected.
It is also possible that current neutrino detectors with upgrades or next genera-
tion neutrino detectors will be able to observe the diffuse background of neutrinos
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produced by CCSNe over the lifetime of the universe (Horiuchi et al, 2009). Pre-
dictions for the diffuse MeV scale neutrino background density depend on the in-
tegrated spectrum of neutrinos emitted during CCSNe, especially during the PNS
cooling phase (Nakazato et al, 2015).
4.3 Impact on CCSN Nucleosynthesis
Neutrinos can alter the composition of material that is ejected from CCSNe, mainly
in the innermost ejected regions (Woosley et al, 2002). The ejecta most affected by
neutrinos is the material that comes from the surface of the PNS. Neutrino energy
deposition in the atmosphere of the PNS can provide enough energy to unbind mate-
rial from the surface and produce a neutrino driven wind (Duncan et al, 1986). Once
outflowing material reaches large radii, the temperature drops and heavy nuclei form
in the wind. The heating is driven by the charged current reactions
νe+n→ e−+ p and
ν¯e+ p→ e++n.
So, in addition to energizing the ejected material, neutrino interactions change its
composition. The gravitational binding energy of a baryon at the surface of the PNS
is GMpnsmN/rpns ≈ 160MeV, so a baryon must undergo between ten and fifteen
neutrino captures (given the expected average neutrino energies discussed above) to
escape the potential well of the PNS. This number of interactions is large enough to
push the material to a composition were electron neutrino capture balances electron
antineutrino capture, which results in an electron fraction (Qian and Woosley, 1996)
Ye,NDW =
λνe
λνe +λν¯e
. (51)
The neutrino capture rates are proportional to λνe ∝ N˙νe〈(ενe + ∆np)2〉/r2 and
λν¯e ∝ N˙ν¯eFNν¯e 〈(ενe −∆np)2〉/r2, where ∆np = 1.293MeV is the neutron proton rest
mass difference. Which heavy nuclei form depends very strongly on the electron
fraction–as well as the entropy and dynamical timescale–of the outflowing material
(Woosley et al, 1994; Sumiyoshi et al, 1995; Hu¨depohl et al., 2010; Fischer et al,
2010; Roberts et al, 2012; Nakazato et al, 2013; Arcones and Thielemann, 2013).
Therefore, the final composition depends on the difference between the average en-
ergies of electron neutrinos and antineutrinos. The magnitude of this difference in
numerical models of PNS cooling is sensitive to the mean field corrections discussed
in section 3.1, as well as to the method of neutrino transport (Hu¨depohl et al., 2010;
Fischer et al, 2010). It seems that the wind is at most marginally neutron rich, but
this result depends on the properties of the assumed nuclear EoS (Roberts et al,
2012; Hempel, 2015; Mirizzi et al, 2015).
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The ν-process is another mechanism by which PNS neutrinos can alter the com-
position of the material ejected from CCSNe (Woosley et al, 1990). Here, unlike
in the neutrino driven wind, both charged current and neutral current neutrino in-
teractions are responsible for altering the composition of the material. Therefore,
neutrinos of all flavors contribute to the process. Essentially, the ν-process alters the
composition of ejected stellar material by the reactions
(Z,N)+ν → (Z,N)∗+ν ′ → (Z,N−1)+n+ν ′
→ (Z−1,N)+ p+ν ′
→ (Z−2,N−2)+α+ν ′,
(Z,N)+νe → (Z+1,N−1)+ e−, and
(Z,N)+ ν¯e → (Z−1,N+1)+ e+, (52)
where (Z,N) denotes a nucleus containing Z protons and N neutrons and (Z,N)∗
denotes an excitepd state of that nucleus. This is likely responsible for the produc-
tion rare isotopes, such as 11B, 19F, 15N 138La, and 180Ta, from much more common
nuclei in the envelope of the SN. Additionally, it has been suggested that neutrons
produced by neutrino interactions in the helium shell can be rapidly captured on pre-
existing heavy nuclei and make the r-process (Epstein et al, 1988), although later
work has shown it is challenging to achieve the requisite conditions for this process
(Banerjee et al, 2011). The nuclear yields produced by these process are sensitive to
the time integrated flux and spectrum of neutrinos incident on the exterior material
(Heger et al, 2005). Therefore, the properties of PNS neutrino emission, along with
neutrino oscillations above the PNS, are very important to determining the results
of ν-process nucleosynthesis (Heger et al, 2005; Banerjee et al, 2011).
For further details on the impact of neutrinos on CCSNe nucleosynthesis, see the
chapters “Effect of neutrinos on the ejecta composition of core collapse supernovae”
and “Production of r-process elements in core collapse supernovae.”
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